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ABSTRACT
We run two GRRMHD simulations of super-Eddington accretion disks around a black
hole and a non-magnetized, non-rotating neutron star. The neutron star was modeled
using a reflective inner boundary condition. We observe the formation of a transition
layer in the inner region of the disk in the neutron star simulation which leads to a
larger mass outflow rate and a lower radiative luminosity over the black hole case.
Sphereization of the flow leads to an observable luminosity at infinity around the
Eddington value when viewed from all directions for the neutron star case, contrasting
to the black hole case where collimation of the emission leads to observable luminosities
about an order of magnitude higher when observed along the disk axis. We find the
outflow to be optically thick to scattering, which would lead to the obscuring of any
neutron star pulsations observed in corresponding ULXs.
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MHD
1 INTRODUCTION
The transfer of matter with angular momentum onto a com-
pact object occurs via an accretion disk through which mass
and angular momentum are transported in opposite direc-
tions though viscous processes (Shakura & Sunyaev 1973).
The viscous process is now believed to be magnetic turbu-
lence induced by the magnetorotational instability (Balbus
& Hawley 1991).
One particular class of accreting objects which has
gained interest in recent years are ultraluminous X-ray
sources (ULXs). These are X-ray bright objects observed
outside the centers of galaxies with luminosities from 1039 ∼
1041 ergs s−1. The first explanations for such bright X-ray
objects favored the elusive intermediate mass black holes
radiating at or below the Eddington luminosity (Colbert &
Mushotzky 1999). Up until the discovery of ULXs, the most
luminous stellar-mass, persistent X-ray source was known
to be Sco X-1, a neutron star radiating at its Eddington
limit at around 1038 erg s−1 (Shklovsky 1967; Bradshaw
et al. 1999). Currently, the leading explanation for ULXs
is beamed emission from accretion in an X-ray binary (King
et al. 2001), implying that or super-Eddington accretion is
responsible for the large observed luminosities. In particu-
? E-mail: dabarca@camk.edu.pl (DA)
lar, a set of three such objects were observed which reveal
X-ray pulsations with a period on the order of one second
(Bachetti et al. 2014; Fu¨rst et al. 2016; Israel et al. 2017a,b)
excluding black holes as the accreting objects in these three
sources. It can now be said with some certainty that a large
fraction of ULXs are accreting neutron stars (Kluz´niak &
Lasota 2015; King et al. 2017; Wiktorowicz et al. 2017; Pin-
tore et al. 2017). There have been a wide range of proposed
values for the strength of the magnetic field from relatively
low (B < 109 G) (Kluz´niak & Lasota 2015), to moderate
(1010 G . B . 1013 G) (King et al. 2017; Walton et al.
2018), to high (B > 1013 G), magnetar-like fields (Eks¸i et al.
2015; Mushtukov et al. 2015b).
Accretion onto a neutron star (NS) is more complicated
than accretion onto a black hole. Neutron stars have no event
horizon. They have a surface layer and outer crust which
can reach densities of up to 1011 g/cm3 at its base, where
it is composed of fully ionized neutron rich nuclei. At larger
radii, and lower densities (∼ 107 g cm−3) the composition of
the nuclei becomes less neutron rich. Below 104 g cm−3, the
nuclei are no longer fully ionized. Finally, near the surface,
the outer crust is composed mainly of crystalized iron atoms
reaching down to 10 g cm−3 (Chamel & Haensel 2008).
Gas accreting onto these outer layers is expected to slow
down and release some of its kinetic energy (Syunyaev &
Shakura 1986; Kluzniak & Wilson 1991; Narayan & Yi 1995;
© 2017 The Authors
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Narayan et al. 1997; Inogamov & Sunyaev 1999; Sibgatullin
& Sunyaev 2000; Popham & Sunyaev 2001; Mukhopadhyay
& Fang 2002) as it spins up the star (Kluzniak & Wagoner
1985). This energy can be converted into radiation (nor-
mally X-rays) or transferred to the outflowing gas. Addition-
ally, many neutron stars have strong magnetic fields, some
of which can be strong enough to channel the accreting gas
into dense accretion columns, depositing gas at the magnetic
poles, forming hot spots at low accretion rates, . 1017 g s−1.
Misalignment of the magnetic poles with the rotation axis
causes the hot spots to rotate resulting observationally in
X-ray (accretion powered) pulsars. At high accretion rates
(1017 ∼ 1019 g s−1), the gas is expected to experience a ra-
diation shock and to form an accretion column above the
neutron star surface through which gas sinks slowly through
a dense radiation field to eventually settle on the NS surface
(Basko & Sunyaev 1976; Mushtukov et al. 2015a,b; Revnivt-
sev & Mereghetti 2015). As the accretion rate increases, the
accretion column starts to widen and spread over a surface
roughly corresponding to the surface of the magnetosphere.
Emission from the central regions and through the sides of
the inner part of the accretion column can interact with the
outer parts of the accretion column producing complicated
pulse profiles (Mushtukov et al. 2018).
At even higher accretion rates (& 1019 g s−1), in the con-
text of ULXs, the accretion column spreads into an accre-
tion curtain, a geometrically extended surface correspond-
ing to an optically thick layer completely surrounding the
pulsar magnetosphere which reprocesses all of the radiation
generated near the neutron star surface strongly smoothing
the pulse profile (Mushtukov et al. 2017). Observationally,
in pulsating and non-pulsating sources, this manifests as a
double black body with hot (>1kev) and cold (<0.7 kev)
components corresponding to the thermal emission from the
accretion enveloping the magnetosphere, and thermal emis-
sion from the accretion disk truncated at the magnetosphere,
respectively (Koliopanos et al. 2017).
Here, using numerical simulations, we try to see if non-
pulsating ULXs can be explained by super-Eddington ac-
cretion onto neutron stars. We ignore the effects of a stellar
magnetic field, (for an accretion rate of ten times the Ed-
dington limit and a magnetic moment of µ < 1027 G cm3 a
simple calculation of the Alfve´n radius shows the effects of
the magnetic field are confined close to the neutron star sur-
face), and consider only the effects of a hard surface. We use
a general relativistic radiation magnetohydrodynamic (GR-
RMHD) code Koral to capture the most relevant physical
processes.
1.1 Neutron star related accretion simulations
In this section we mention some simulations that are re-
lated to neutron star accretion. The X-ray spectra from
spherical accretion onto high and low mass neutron stars
was computed from coupled hydrodynamic radiation trans-
fer calculations, which were shown to yield results which
differ strongly from a black body (Alme & Wilson 1973).
Dhang et al. (2016) performed hydrodynamic simulations of
spherical accretion onto a hard surface in one and two di-
mensions. The hard surface was modeled in two ways, with a
reflective, and a ‘leaky’ boundary condition, the latter being
where mass is allowed to cross the inner boundary at a fixed
subsonic speed to model efficient cooling. This is important
because not all works include a hard surface. More compli-
cated Bondi-Hoyle (El Mellah & Casse 2015) and magnetic
Bondi-Hoyle (Toropina et al. 2012) simulations have been
performed, but they are without a hard inner boundary.
A 1.5D coupled radiative transfer and hydrodynamics
calculation was performed by Kluzniak & Wilson (1991)
which simulated the boundary layer between the neutron
star and the accretion disk. The boundary layer was sim-
ulated by introducing an optically thin stream of plasma
inside the innermost stable circular orbit (ISCO), where the
infall velocity quickly becomes supersonic. The plasma de-
celerates in the upper layers of the boundary layer on the
neutron star surface resulting in the creation of hard X-rays.
Because velocities in the accretion gap are supersonic, such
a calculation is valid without considering the contribution
of the accretion disk.
A further work of interest is Kawashima et al. (2016)
who performed radiation hydrodynamic simulations of the
accretion column of a super-Eddington accretion neutron
star using flux-limited diffusion, where the radiative flux fol-
lows the gradient of radiative energy density. They found
sub-Eddington luminosities along the optically thick accre-
tion column but super-Eddington luminosity when viewed
from the sides, in agreement with Basko & Sunyaev (1976).
Romanova et al. (2012) have performed global MHD
simulations of MRI-driven accretion onto magnetized stars.
A number of interesting results are presented on the inter-
action between the stellar magnetic field and the accretion
disk, however, the lack of strong gravity or radiation hydro-
dynamics means that the results do not accurately describe
accretion onto neutron stars at large accretion rates.
Parfrey & Tchekhovskoy (2017) used an innovative
method to run GRMHD simulations of accretion onto ro-
tating magnetized neutron stars to model accreting millisec-
ond pulsars. Their method interpolates between the normal
GRMHD flow and the force-free magnetosphere. At the low-
est magnetizations of the neutron star, they show that the
magnetic field is crushed by the accretion flow, and accre-
tion proceeds normally. Due to the lack of radiation, their
simulations are scale-free. When scaling their system to the
mildly super-Eddington accretion flow that we describe in
this work, we find that indeed the magnetic field would be
crushed at a magnetic moment of µ = 1026 G cm3, even
when rotating at millisecond periods.
Takahashi & Ohsuga (2017) have published the first
global 2.5D GRRMHD simulations of accretion onto a neu-
tron star and their work represents the state-of-the-art on
the subject. They simulate super-Eddington accretion onto a
magnetized neutron star with the radial flux and velocity set
to zero at the inner boundary, as a means to model a neu-
tron star ULX system. They report luminosities of about
an order of magnitude above the Eddington limit with a
significant amount of beaming which accurately describes a
non-pulsating ULX source. In their simulation, the magnetic
field is strong enough to truncate the disk leading to accre-
tion along magnetic field lines. They observe some matter
piling up at the inner boundary due to the inner boundary
condition, but do not run the simulation for long duration,
(tmax = 15, 000tg), and so it is hard to say what the effect of
the accumulation of gas has on the accretion disk.
Our work considers the context of a boundary layer (as
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opposed to an accretion column) with an accretion disk, with
a sophisticated radiation treatment which deals with the op-
tically thick and optically thin regimes. In our simulation, we
will focus strictly on the effect of a reflective boundary. We
will run our simulations for longer durations, t ∼ 160 000 tg,
where tg = GM/c3, to see what happens when a large amount
of gas is accumulated in the vicinity of the neutron star.
2 NUMERICAL METHODS
We investigate accretion onto neutron stars using a sophis-
ticated 3D General Relativisic Radiation Magnetohydrody-
namics solver, Koral used extensively to study accretion
onto black hole at high and low accretion rates, and other
related phenomena. Details of the numerical implementation
are given in Sa¸dowski et al. (2013, 2015). Here we describe
the most relevant features.
2.1 Governing equations
The equations of GRRMHD, which can be written in their
conservative form as
∇µ(ρuµ) = 0, (1)
∇µTµν = Gν, (2)
∇µRµν = −Gν, (3)
∇µ(nuµ) = Ûn, (4)
are solved in Koral on a static one, two, or three dimen-
sional mesh. Our mesh is a spherical 2.5D (2D axisymmetric)
grid using a static metric, gµν with signaure (− + ++). Here,
ρ is the gas rest-mass density in the comoving fluid frame,
uµ is the gas four-velocity, Tµν is the MHD stress-energy
tensor given by
Tµν = (ρ + uint + p + b2)uµuν +
(
p +
1
2
b2
)
δ
µ
ν − bµbν . (5)
Here, uint is the internal energy of the gas, and p = (γ−1)uint
is the gas pressure, calculated using the adiabatic index,
γ = 5/3. The radiation stress-energy tensor is given by
Rµν which is coupled to the gas stress-energy tensor by
the radiation four-force, Gν , making use of electron scat-
tering and bremsstrahlung opacities as well as Comptoniza-
tion Sa¸dowski & Narayan (2015) which evolves the photon
number, n, by taking into account the creation and anni-
hilation of photons by emission and absorption, Ûn, while
conserving n for Compton scattering exchanges of energy.
The radiation stress-energy tensor is completed using the
M1 closure scheme (Sa¸dowski et al. 2013), which assumes
there is a frame in which the radiation is isotropic. The M1
scheme allows radiation to diffuse through gas at large opti-
cal depths, and to freely stream along geodesics at very low
optical depths. The magnetic field four-vector, described by
Gammie et al. (2003), is given by bµ, and it is evolved using
the induction equation which, when written in the coordi-
nate basis appears as
∂t (√−gBi) = −∂j
(√−gbjui − biu j ) . (6)
Here Bi is the normal magnetic field three-vector, which is
related to the magnetic field four-vector by
bt = Biuµgiµ, (7)
bi =
Bi + btui
ut
, (8)
for metric gi j and metric determinant, g (Komissarov 1999).
2.2 Mean-field dynamo for 2.5D runs
One particularly useful tool implemented in Koral is a
mean-field magnetic dynamo which allows for axisymmet-
ric 2D (2.5D) accretion disk simulations to be run for long
durations without depleting the magnetic field due to tur-
bulent dissipation, which normally occurs in axisymmetric
simulations of MRI (Sa¸dowski et al. 2015). The dynamo has
been tested against 3D simulations and has been found to
accurately approximate the disk’s spatial properties, accre-
tion rate, surface density, and angular momentum for exam-
ple. The 2D dynamo disk does however have a tendency to
overestimate the magnitude and variability of the radiative
flux (Sa¸dowski & Narayan 2016). Nevertheless, the advan-
tages of being able to run a 2D simulation as opposed to
3D make the mean-field dynamo a valuable tool, allowing
for almost a 100-fold speedup in runtime, and so we chose
to implement it in this work in order to run long duration
simulations. We also implement an adaptation to make the
dynamo more suitable to simulations where we expect a sig-
nificant amount of gas to accumulate at the inner simulation
boundary. We include a smooth cutoff to deactivate the dy-
namo in cells with a specific angular momentum lower than
80% of the Keplerian value.
3 NUMERICAL SETUP
3.1 Initial conditions
We initialize our accretion disk in a typical way by starting
with an equilibrium torus near the non-rotating black hole
as given in Penna et al. (2013). The torus is threaded with a
weak magnetic field in loops of alternating polarity. The to-
tal pressure is distributed between gas and radiation assum-
ing local thermal equilibrium. Once the simulation starts,
the MRI quickly develops turbulence and accretion begins.
We measure the rate of mass accretion in units of LEdd/c2,
where LEdd is the Eddington luminosity and c is the speed
of light. The initial torus is set up to give a constant accre-
tion rate of about 200 LEdd/c2 which would correspond to a
luminosity of about 10 LEdd for the efficiency of a Shakura-
Sunyaev disk.
3.2 Boundary conditions
A common practice when simulating accretion onto stars
is to ignore the effects of a hard surface and let gas flow
through the inner boundary in a standard outflow boundary
condition for the hydrodynamic quantities. This allows the
simulation to approach a quasi-steady state and is useful for
studying the interaction between the stellar magnetic field,
and the accretion disk (Romanova et al. 2012; Cˇemeljic´ et al.
2013). This allows the star to behave somewhat like a black
MNRAS 000, 1–17 (2017)
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Figure 1. Here we show snapshots of the 2.5D axisymmetric simulations of super-Eddington accretion from BHrun. The left two
quadrants of each image show radiative energy density in the fluid frame, and the right panels shows the rest mass density in the fluid
frame. The upper panels of each image show the instantaneous state of the simulation at time ti , and the bottom panels are time averaged
from time ti − ti/3 to ti + ti/3. From left to right and top to bottom the times correspond to, ti = 7500 tg, 15 000 tg, 30 000 tg , and 60 000 tg .
hole.1 In order to study the the difference between an in-
flowing boundary condition at the inner edge, and reflective
boundary condition, as well as to have a natural, physical
inner boundary as a baseline comparison, we run one sim-
ulation with a black hole as the inner boundary condition.
This is achieved by choosing a horizon penetrating coordi-
nate system (Kerr-Schild) and placing the inner boundary
of the simulation sufficiently behind the event horizon. This
simulation we call BHrun.
In order to study the effects of the release of kinetic en-
ergy, which is expected to significantly impact the behavior
of the accretion disk and outflows, we implement a reflective
boundary for the main simulation of our study. The reflec-
tive boundary at r = rin is set up so that the reconstructed
radial velocity of the gas at the inner boundary is oppo-
site about zero (ur
l
= −urr where url , urr are the left and right
reconstructed radial velocities at the cell interface of the in-
ner boundary), so that no gas is able to leave the domain.
We also set the tangential velocities uθ, uφ in the ghost cells
to zero. Note that this does not enforce the reconstructed
1 This is not entirely true, there are a variety of inner bound-
ary conditions on the magnetic field quantities that have various
effects on the absorption of the hydrodynamic quantities.
tangential velocities to be exactly zero at the inner bound-
ary, it does however effectively remove angular momentum
and allows the gas to approach a non-rotating state at the
inner boundary, and so we expect the formation of a bound-
ary layer. Radiative quantities are treated in the same way.
We expect these boundary conditions to more accurately re-
flect the behavior of an accretion disk and a boundary layer
around a neutron star than an inflow boundary condition,
and so this simulation we call NSrun.
3.3 Grid
Both simulations are run in Kerr-Schild coordinates (al-
though this is not strictly necessary for NSrun) with a
non-rotating, central mass of M = 1.4M (Schwarzschild
spacetime). We run two simulations on identical 2D, ax-
isymmetric spherical grids with logarithmic spacing in ra-
dius, and increased resolution near the equatorial plane.
The resolution for NSrun is Nr × Nθ × Nφ = 352 × 240 × 1.
The radial coordinate spans from rin = 5rg to rout = 5000rg
where rg = GM/c2. The resolution was higher for BHrun
(Nr ×Nθ ×Nφ = 384×240×1) because we have to extend the
inner boundary to below the event horizon at r = 2rg. The
MNRAS 000, 1–17 (2017)
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Figure 2. Here, using the same scheme as in Fig. 1, we show four snapshots of NSrun, the simulation with the reflective boundary
condition.
larger number of radial grid cells allows the two simulations
to have comparable resolution at the same radii.
4 RESULTS
We have run two axisymmetric GRRMHD simulations,
one with a reflective, non-rotating inner boundary at ra-
dius r = 5rg NSrun, and one with a black hole inner
boundary, BHrun. Snapshots and time averages of both
simulations are shown in Figs. 1 & 2. Each figure con-
tains four images, each corresponding to a different time,
ti ∈
{
7500 tg, 15 000 tg, 30 000 tg, 60 000 tg
}
. Snapshots at these
times are shown in the upper two quadrants of each image.
We are also showing the time averaged structure of the sim-
ulations in the lower two quadrants of each image, all of
which are averaged from t = ti − ti/3 to t = ti + ti/3. The
right two quadrants of each image show rest mass density,
and the left two quadrants show radiation energy density in
the fluid frame.
The BHrun simulation forms a typical, geometrically
thick, super-Eddington accretion disk similar to what is
seen in previous simulations of this type, see Yang et al.
(2014); Jiang et al. (2014); Sa¸dowski et al. (2015); Sa¸dowski
& Narayan (2016); Ogawa et al. (2017) for examples. As the
disk reaches inflow equilibrium one can see the formation of
a funnel region along the polar direction. The funnel region
is nearly devoid of gas but is filled with radiation and so
one can expect the disk to appear very bright when viewed
along the funnel.
The reflective inner boundary shows a much different
scenario. Gas cannot pass through the inner boundary, so it
accumulates a dense layer around the inner edge of the sim-
ulation. At late times, the density at the inner edge reaches
nearly 10 g/cm3. The density at the inner edge increases
gradually as more and more gas is compressed into the at-
mosphere. We can also see large amounts of radiation being
accumulated at the inner boundary due to a combination of
dissipation and advection. In general, hot flows of this type
are optically thick to scattering, but optically thin to ab-
sorption. However, it is unclear a priori if the radiation can
escape to infinity in any reasonable amount of time because
gas is blown off the outer edges of the accumulating layer
which forms a dense outflow. Photons produced near the
disk must random walk through this thick outflow, some of
them may even be scattered back through the disk. We are
particularly interested in whether or not pulsations may be
visible. With such a thick scattering dominated atmosphere,
it is likely that pulsations would lose their coherence. We
measure the scattering optical depth in the next subsection.
MNRAS 000, 1–17 (2017)
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Figure 3. We plot angular momentum related quantities in the disk mid-plane (θ = pi/2, left) and in the polar region of the simulation
(θ = pi/8, right). The plots were averaged/integrated over θ over a range of angles corresponding to pi/10 radians. Top: Here we show a
time series of the specific angular momentum of the gas, ` = uφ for NSrun. The plotted quantities correspond to a ρ-weighted θ-average
of the time averaged simulation data. The durations for the averaging are the same as for Fig. 1 & 2, t1 = 7500 tg, t2 = 15 000 tg, t3 =
30 000 tg, t4 = 60 000 tg with an additional time interval centered at, t5 = 120 000 tg . The Keplerian angular momentum is shown by the
dashed grey line. Middle: Here is the same plot as above except for angular velocity, Ω = uφ/ut . Bottom: Here, we are plotting the total
angular momentum density integrated along the θ direction.
4.1 Transition layer and accretion disk structure
The inner boundary of the neutron star simulation causes
the angular velocity of the gas to approach zero. This is
seen in Fig. 3. The top panels of Fig. 3 show the density-
weighted, θ-averaged profiles of the specific angular momen-
tum of time averaged time intervals used in Figs 1 & 2 for
NSrun. Because NSrun is computationally cheaper com-
pared to BHrun and because the behavior at late times is in-
teresting we runNSrun for an additional 80 000 tg so that we
can show an additional time interval in Fig. 3, t5 ∼ 120 000 tg.
The left three panels show the midplane quantities, averaged
or integrated over a range of θ from pi/2−pi/20 to pi/2+pi/20.
The right three panels are integrated in the polar region, over
θ from pi/8−pi/20 to pi/8+pi/20. As the simulation evolves, we
can see the formation of a transitional region which expands
outwards as more gas is accumulated. The rate of expan-
sion measured by calculating the radius at which ` reaches
90 percent of its Keplerian value follows a t0.85 power law.
For accretion onto neutron stars at lower accretion rates,
this transitional layer usually lies in a small belt around the
star where the flow properties transition to match the stel-
lar surface. This is the classical picture of a boundary layer.
We can see from Fig. 2 that we have a much more extended,
atmospheric layer, although the flow velocity does transition
to match the surface of the neutron star, so we will refer to
this region as the transition layer.
The process by which angular momentum is trans-
ferred from the accretion disk to a neutron star is compli-
cated.Various viscous and magnetic processes are involved.
MNRAS 000, 1–17 (2017)
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We try to reproduce the effect of driving the tangential
velocity to zero at the inner edge of the simulation with
our inner boundary condition. The normal magnetoturbu-
lent processes that transport angular momentum through
the disk do not operate on the numerical level of the cell in-
terface. Instead angular momentum is transported between
cells according to the flux computed by the HLL Riemann
solver. The angular momentum flux is made up of a hydro-
dynamic and a magnetic component, Trφ = T
(HD)
rφ + T
(mag)
rφ
where T (HD)rφ = (ρ + uint + p)uruφ and T
(mag)
rφ = b
2uruφ − br bφ.
By far the largest contribution at the inner edge is the ρuruφ
term. The inner boundary condition leads to a flux that is
appoximately, Trφ ≈ ρuruφ/2. Reflecting the angular veloc-
ity, for example, would lead to Trφ ≈ ρuruφ. We can see
that the source of the torque at the inner edge is numerical
in nature. A more detailed study of the effect of different
boundary conditions on the transport of angular momen-
tum through the transition layer is left to further studies.
For now, we are satisfied the angular momentum transitions
towards zero at the inner boundary through the midplane
and along the disk axis.
The middle two frames of Fig. 3 show angular velocity
averaged in the same way as the top panels of Fig. 3. We
can see the expansion of the transition layer evolving into a
quasi-flat region in angular velocity in the midplane indicat-
ing that some large scale coupling is causing the inner disk
to rotate like a rigid body. The innermost region is driven
towards zero angular velocity as is expected by the boundary
condition.
The polar region shows different behavior. The angu-
lar momentum in the polar regions increases with radius at
early times, and evolves to be quasi flat at late times in the
inner region. Meanwhile, the angular velocity starts quasi
flat, and evolves to decrease with radius at late times, so the
transition layer does not display rigid body behavior near
the poles.
As is seen in Fig. 2, the transition layer reaches very
high densities, and so, even though it has very low angular
velocity, it is still able to contain a significant amount of an-
gular momentum, as shown in the bottom panels of Fig. 3.
Here we are plotting the angular momentum integrated at
a particular radius, r, J(r) = 2pi
∫
ρuφ
√−gdθ. The total an-
gular momentum in the transition layer increases with time,
especially near the inner edge. Angular momentum is trans-
ported through the transition layer where it accumulates at
the inner edge. It is likely that a stronger numerical torque
at the inner edge would allow more angular momentum to
flow through the inner boundary, thus smoothing J near the
neutron star surface. Dynamically, what is important are `
and Ω, both of which are largely below their corresponding
Keplerian values, and so we do not expect a stronger torque
at the inner boundary to have a significant effect on the
evolution of the simulation.
The transition layer does not display much structure in
the spatial distribution of gas density and radiation energy
density, except for a strong radial gradient, even when the
color scales are suitably adjusted. The flow structure is much
more informative.
In Fig. 4, we show the time-averaged spatial distribu-
tion of the poloidal velocities in the two upper panels for the
time interval, t4from 40, 000 tg to 80, 000 tg. All of the remain-
ing figures are constructed with time averaged data over the
same period. The poloidal velocity and accretion rate are de-
fined as follows, upol =
√
urur + uθuθ , ÛMpol = 2pir2 sin θ ρupol.
For BHrun, the flow is primarily directed inward in the
disk and at the inner boundary. This is a boundary con-
dition imposed by the space-time. In the polar region, one
can see the transition from inflow to outflow at about ra-
dius of r = 10rg. This is the stagnation radius, above which
is a radiation driven outflow. Velocities in the polar region
are relativistic, while velocities in the disk are around a few
hundredths of the speed of light except in the very inner
regions.
Again, NSrun shows a much different inner structure.
Gas flows though the transition layer in the equatorial plane
where it meets the reflective boundary and is directed tan-
gentially along the surface of the inner boundary until the
polar regions where it is again redirected. The whole process
forms two large eddies which seem to recycle the gas into the
inner edge of the accretion flow, which could be responsible
for the large scale coupling seen in Fig. 3. The eddies seem
to be connected to a conical outflow. We can see two streams
of gas being launched from the two regions where the eddy
circles back to the disk. It is important to note that this
is the time average structure, the non-averaged flow being
much more turbulent. The eddies are indicative of convec-
tive cells. Indeed, a calculation of the Schwarzschild stability
parameter shows that the transition layer should be unsta-
ble to convection. Whether convection is driving the eddy
motion is more difficult to say due to the extra source of
momentum from the accretion flow.
The poloidal accretion rate is shown in the middle two
panels of Fig. 4 over a large range in r and z. The accretion
rate in the transition layer is nearly an order of magnitude
higher than in the disk, indicating that the gas is recycled
many times in the inner flow. For BHrun, we see the typical
picture of a nearly empty funnel region, indicating that most
of the outflowing gas is ejected in a wind at larger radii.
We expect a much different picture in the presence of
strong magnetic field. For µ & 1030 G cm3, we expect the
accretion flow to be directed along magnetic field lines and
deposited at the poles for a dipolar magnetic field as was seen
in Takahashi & Ohsuga (2017). The magnetic field would
also arrest any outflows from the inner most regions, so it is
likely that an optically thin funnel would also be able to form
in this case, leading to much larger observed luminosities.
We show the poloidal accretion rate over an even larger
range of r and z in the lower two panels of Fig. 4. We can
no longer see the structure of the conical outflows in NSrun
which was decollimated at larger radii. We also show a con-
tour of the relativistic Bernouilii number in green, Be = 0,
which we define and discus in more detail in Section 4.2.
We can clearly see that more material is launched in NSrun
than in BHrun.
The region behind the initial torus in our simulation
is unphysical. In a real physical system this region would
be occupied by the gas flowing from the companion star.
We exclude this region in a somewhat arbitrary way. We
pick the last streamline which originates from the surface
defined by Be = 0 (shown in white) which does not turn back
towards the disk midplane at larger radii. The gas inside this
region is expected to flow back towards the disk or to the
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Figure 4. Here we show the time averaged poloidal velocity flow structure of the black hole-like simulation (upper-left) and reflective
simulation (upper-right). The magnitude of the poloidal velocity (upol =
√
urur + uθuθ ) is given by the color map. The streamlines
follow the poloidal velocity vectors for all plots in the figure. The middle two images show the mass accretion rate in the poloidal plane
( ÛMpol = 2pir2 sin θ ρupol) for BHrun simulation (middle-left) and NSrun (middle-right). The two bottom images are the same as for the
middle images, except for a larger range of r and z. We show a contour of Be = 0 in green and in white we show the last streamline
which originates from the Be = 0 surface. The shaded region below, we exclude from our analysis.
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companion star, and so we exclude this region from all of
our calculation.
In Fig. 5 we show the time averaged (again, over t4)
spatial structure of both disks. The colormap of density has
been expanded to cover a wider range of densities with the
trade off being a lack of detail. We show two zoom lev-
els. Red, white, and green contours of the scattering optical
depth are also shown. From green to white to red, the con-
tours correspond to τsca = 0.01, 0.1, 1, 10, 100. Here, τsca is
calculated in a simple way,
τsca(r) =
∫ rout
r
ρκes
√
grr dr, (9)
where κes = 0.34 g cm−2. For reference, the root-mean-
squared polar scale height of the disk defined by h =√∫
(θ − pi/2)2ρdθ/
∫
ρdθ. For BHrun (left), super-Eddington
accretion leads to a thick disk with strong outflows and an
optically thin funnel region reaching all the way down to the
inner boundary. Again, we see a different picture for NSrun
(right). First, as is also seen in Fig. 2 a large amount of
gas is deposited in a transition layer around the inner edge.
In addition, a large amount of gas is ejected and the entire
domain is filled with a thick outflow. Measuring the optical
depth shows that this outflow is extremely optically thick.
The last contour of the scattering optical depth visible in the
figure is given by the red line which corresponds to τsca of
100. A zoom of the entire simulation domain is shown in the
bottom two panels. We can see the photosphere for NSrun
lies on average at a couple thousand rg, which is indicated
by the white line.
In Fig. 6 we show the radial profiles of both simula-
tions. BHrun and NSrun are shown in blue and orange,
respectively, for the time interval t4. The green lines shows
the later evolution of NSrun over time interval t5. The first
quantity shown is the surface density,
Σ =
∫ pi/2+h
pi/2−h
ρ r sin θdθ (10)
integrated within one scale height. The three remaining plots
correspond to density weighted, θ averages, which for a given
quantity f , appears as
〈 f 〉 =
∫ pi/2+h
pi/2−h ρ f
√−gdθ∫ pi/2+h
pi/2−h ρ
√−gdθ
. (11)
The scale height captures a majority of the mass in BHrun
and can be a reasonable approximation for the boundary of
the accretion disk. It becomes a less useful tool however in
the inner edge of NSrun, where the distribution of density
becomes roughly spherical, and the distinction between disk
and transition layer requires more information. Neverthe-
less, this only affects the weighting of the quantities, which,
if they are also roughly spherical, should still give a good
measure of the radial profile. We can see that the transition
layer surface density follows a power law before settling into
the accretion disk which matches that of the black hole at
about radius r = 30 rg. The second panel shows 〈ur/c〉, the
density weighted radial component of the four velocity. The
inflow velocity for NSrun remains nonrelativistic. The local
maximum at the inner edge is related to the circulariza-
tion pattern seen in Fig. 4. The third panel shows density
weighted temperature, 〈T〉. The temperature inside of the
atmosphere approaches 108.5 K, and also follows a power
law at the inner edge. We also measured the growth rate
of the temperature on the surface of the neutron star and
found that it grows with a T(t) ∝ t1/4 dependence. The last
panel shows the density weighted ratio of angular velocity
to the Keplerian angular velocity, 〈Ω/Ωk〉. We can also see
the angular velocity transition towards zero as observed in
Fig. 3. The accretion disk is mildly sub-Keplerian.
4.2 Outflow and luminosities
Accurate measurements of the outflow from black hole and
neutron star accretion disks are important for estimating
feedback on the surrounding media of these systems. We
measure the radiative and kinetic luminosities of our accre-
tion flows as well as the mass outflow rates. We purposely
chose a very large simulation domain so that we can measure
these quantities out to larger radii, however, these measure-
ments are meaningless without indication that the simula-
tion has reached some sort of equilibrium. Typically, this is
measured by computing the viscous time of time averaged
data over a particular inteval, and seeing at which radius
the viscous time is equal the length of that time interval
(Narayan et al. 2012). This roughly corresponds to about
r = 80rg for our simulations averaged over time interval t4,
evidence of which can be seen in Fig. 6 where the averaged
radial velocity changes sign at about 100 rg, an indication
that inflow equillibrium has not been reached passed this
radius. This means that we can trust the results of our sim-
ulation inside radius r = 80rg.
Outside 80rg however, we can still trust the results of
the outflow, as long as it is causally connected to the con-
verged region inside radius r = 80rg. Because the velocity
of the outflow is much higher than that of the inflow, this
corresponds to much larger radii where we can reliably mea-
sure the outflow. To quantify this, we measure the density
weighted average velocity, 〈ur 〉 as a function of radius. We
take the average over the θ coordinate only for cells with
Be > 0 to reasonably track outflowing gas. Here, Be is the
relativistic Bernoulli number,
Be = −T
t
t + Rt t + ρut
ρut
. (12)
In steady state, Be is conserved along streamlines and gas
with positive Be is energetic enough to escape to infinity, and
so it is a reasonable parameter to define the outflow. Seper-
ating the outflow form the disk flow is not precise, so one
should not put too much influence on the Bernoulli param-
eter. For example, we can see from Fig. 4 that the outflow
from near the neutron star transition layer appears to change
Bernoulli parameter. We have investigated this further and
found that when looking at the non-time-averaged data in
this particular region, the flow does not appear to be steady,
and the Be = 0 surface is highly variable. For steady flows
(such as the outflow at larger radii, the Bernoulli parameter
should still be appropriate for calculating rcc
We use time averaged data for the time interval, t4,
from 40, 000 tg to 80, 000 tg, and multiply the time and θ-
averaged velocity by the duration of the time interval, ∆t =
40, 000 tg to find the causally connected radius, rcc, for an
outflow of that velocity. This assumes a constant velocity
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Figure 5. Here we show the time averaged structure of the BHrun (top-left) and the NSrun (top-right). Expanded views of the
simulations are shown in the bottom panels. The colormap shows density. The colored contours correspond to optical depth to scattering.
From green to red the values correspond to τsca = 0.01, 0.1, 1, 10, 100. The while line shows τsca = 1. The striped red, purple, and yellow
lines show contours of Be = −0.05, 0, 0.05 respectively. The dashed black line shows the rms scale height, h. We have also darkened the
region contained by the last streamline to originate from the Be = 0 surface.
along the outflowing trajectory, however, since velocity tends
to decrease with radius, the causally connected radius we
find is a lower limit. Then, as long as the causally connected
radius is larger than the radius where we are measuring the
velocity, we can believe the results of the outflow. A plot of
rcc is shown in Fig. 7. We can see that the outflow of BHrun
is reliable throughout the entire outflow region excluding the
region behind the initial torus shown in Fig. 4. For NSrun,
it is reliable to about r ≈ 4000rg. It is important to note
that this analysis does not take into account changes in the
nature of the outflow with time, but only that the outflow is
causally connected to the central region of the simulation.
An additional issue which must be addressed is con-
tamination of the results by the initial condition. Our initial
condition is an equilibrium torus where the total pressure
has been distributed between gas and radiation. The torus is
constructed assuming radiation pressure domination, which
implies an adiabatic index, γ = 4/3. However, the effective
adiabatic index depends on the particular mix of gas and ra-
diation at a particular position, and so does not everywhere
equal 4/3, especially in cooler parts of the torus. For this
reason, the torus is not in perfect hydrostatic equilibrium.
There is also a certain amount of gas that is blown off of
the outer edges of the torus due to radiation pressure. How-
ever, the whole torus was constructed with Be < 0, and so
due to the lack of dissipation or viscosity in the regions in
the outer parts of the torus where the MRI has yet to de-
velop, there is a reasonable expectation that Be remains less
than zero. Therefore, by measuring the outflowing quanti-
ties over regions with Be > 0, we are reasonably screening
the contamination by the initial condition. Additionally, this
region overlaps significantly with the area excluded by the
last streamline from the Be = 0 surface. We can see which
region this corresponds to by examining the purple dashed
line in Fig. 5. This region is relatively small compared to the
computational domain of the simulation. A more robust di-
agnostic would be for example, evolving a tracer along with
the simulation to track the evolution of gas. Then it would
be possible to check whether the gas originated from the
inner, converged regions of the simulations or not.
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Figure 6. Here we show radial profiles of surface density, Σ, density-weighted, θ-averaged inflow velocity, the density-weighted, θ-averaged
temperature, and the density-weighted, θ-averaged ratio of angular momentum to the Keplerian angular momentum. The data is time
averaged over the range, t4 from 40 000 tg to 80 000 tg and θ-averaged over one scaleheight, h. Plots are shown for the both BHrun (blue)
and NSrun (orange). We also plot in green the same quantities from NSrun time averaged over the interval t5 from 80 000 tg to 160 000 tg .
In Fig. 8, we show the angular distribution of radia-
tive flux, Fr = Rr t , as a function of θ. The units of the
flux are given in the inferred isotropic luminosity by mul-
tiplying by 4pir2. We plot the flux at four different radii,
50rg, 500rg, 2000rg, 4000rg. We have emphasized the regions
where the gas is optically thin, as the radiation in the opti-
cally thick regions is not expected to reach the observer.
The optically thick regions should not be completely ig-
nored however, it is still possible for the outflowing mat-
ter to add or subtract from the radiation field, and so it is
difficult to say what the distribution of radiation will look
like at infinity. The BHrun behaves as expected. The op-
tically thin funnel region produces locally super-Eddington
fluxes. We can see that the radiation is highly collimated,
even at large radii. The intensity of radiation increases with
radius at lower radii, and decreases at larger radii, as the
disk and outflowing gas emit and absorb radiation. NSrun
is more complicated however. Due to the thick outflows the
photosphere is pushed nearly to the edge of the simulation
domain. Only at very large radii can we measure a flux of
locally about Eddington. Larger accretion rates may be re-
quired to reach higher luminosities, although it is hard to
say whether or not the increase in outflowing gas will cancel
any increase in luminosity. Indeed, in the case of black holes,
it is well known that at super-Eddington accretion rates, an
increase in the accretion rates corresponds to a decrease in
the radiative efficiency so that the luminosity scales loga-
rithmically, L ∝ log(1+ ÛM/ ÛMEdd) (Shakura & Sunyaev 1973).
It may even be interesting to try smaller accretion rates in
case the outflow scales differently than the luminosity in the
presence of a reflective boundary condition.
Besides observational properties, the implications of
black hole feedback play an important role in the astro-
physics of star formation, star clusters, and galaxies. In
Fig. 9, we show the luminosity of kinetic energy, defined
as,
LKE = 2 × 2pi
∫ θout
0
−(ut + √−gtt )ρur√−g dθ, (13)
where θout is the angle at which Be = 0. By integrating over
positive Be, we are choosing only the gas which is energetic
enough to reach infinity. The extra factor of two reflects the
fact that we include the contribution from both sides of the
equatorial plane. In the non relativistic limit, the integrand
approaches 1/2ρv2vr , where vi is the three-velocity, v2 is the
square of the three-velocity, and vr is the radial component
of the three-velocity. NSrun shows a large amount of mate-
rial ejected into the surroundings of the neutron star envi-
ronment. A large amount of it remains bound and so only at
around r = 100rg is θout > 0. NSrun everywhere has a less
energetic outflow than BHrun, leveling off at LKE ≈ 0.4LEdd.
For BHrun the gas is energetic enough to escape to infinity
in the funnel region even at radii below the stagnation ra-
dius, however the velocity vector is directed inward and so
MNRAS 000, 1–17 (2017)
12 Abarca et al.
102 103
r/rg
103
2 × 103
3 × 103
4 × 103
r c
c
/r
g
Figure 7. Here we demonstrate the convergence of the outflow
by plotting the radius causally connected to the inner region of
the disk, rcc, as a function of the radius at which measure the
velocity, r . For rcc > r we can reliably measure the outflow of the
simulation. For reference, r = r is shown by the black dashed line.
As with Fig. 6, blue corresponds to BHrun and orange to NSrun.
If rcc > r , then the gas had enough time to reach radius r .
the flux of kinetic energy is into the inner boundary, thus
the transition to negative values in the kinetic luminosity.
The total radiative output of the simulation is difficult
to measure directly, especially for optically thick flows. Radi-
ation and gas can still exchange energy even after the gas has
left the simulation domain. We chose to run our simulations
with a very large outer radius, so that the photosphere is still
contained in the simulation. This allows us to measure the
amount of radiative energy outflowing from optically thin
and outflowing regions. Radiation flowing through optically
thin regions is expected to escape to infinity, and so is an
effective lower limit on the total radiative output. We define
the optically thin region by the angle at a particular radius
where the radial scattering optical depth is equal to one. For
each radius, we integrate the radial radiative flux over the
optically thin region,
Lthin = 2 × 2pi
∫ θthin
0
−Rr t√−gdθ. (14)
A reasonable upper limit of the radiative luminosity,
is the integral of Fr over the region of Be > 0, Lout, as
in the calculation of LKE. This gas is energetic enough to
reach infinity, and so it is possible for the outflowing gas to
eventually release its trapped photons. Note that it is pos-
sible for this gas to produce additional photons, but this is
not thought to contribute significantly to the radiative lu-
minosity, so Lout is not a strict upper limit. The outflowing
luminosity is then given as,
Lout = 2 × 2pi
∫ θout
0
−Rr t√−gdθ (15)
The outflowing and optically thin radiative luminosi-
ties are shown in Fig. 10. In general BHrun shows about
two to three times as high luminosity as NSrun. As shown
in Figs. 1 & 2, NSrun produces a much larger amount of
radiation energy. However, the vast majority is trapped in
the optically thick outflow and transition layer. We also ob-
serve a general decrease in luminosity at radii larger than
about 300rg. This is because of radiation flowing into the
excluded regions behind the initial torus. The optical depth
of this region is low and so radiation can escape from the
outflow into this region. It is hard to say how the radiation
would behave in this region in reality, it would depend on
the extent and thickness of the accretion disk. We do not
seem much change in the radiative luminosity over the t5
time interval.
Super-Eddington accretion flows are known to have
strong radiation driven outflows (Ohsuga et al. 2005;
Hashizume et al. 2015; Fiacconi et al. 2017). We can mea-
sure this by examining the accretion rate in a few different
ways. First in the top panel of Fig. 11, we measure the total
(net) mass accretion rate as a function of radius,
ÛMtot = 2pi
∫ pi
0
−ρur√−gdθ. (16)
BHrun, which is shown in blue, gives a flat accretion rate
out to about r . 50rg, which roughly corresponds to the re-
gion where the simulation has achieved steady state. NSrun,
shown in orange, is also nearly flat for a small region between
20rg and 50rg. At low radii the simulation is accumulating
mass, which corresponds to a non-flat slope of ÛMtot. In gen-
eral, ÛMtot is lower for NSrun than for BHrun. This is not
due to a lower accretion rate in the disk, but due to the
fact that the gas that is normally lost through the inner
boundary of BHrun either accumulates in the transition
layer where it is recycled into the inner accretion flow, or is
ejected into the outflow, the latter of which contributes to a
lower value of ÛMtot. We also show ÛMtot for NSrun averaged
over the time interval t5. We can see that the flat region indi-
cating an accretion disk in steady state is no longer present.
This is due to two effects. The first is the transition layer
increasing in radius. The second is due to the fact that the
outflows are increasing at higher radii and so the total ac-
cretion rate over the whole sphere decreases.
The second panel of Fig. 11 shows the inflowing accre-
tion rate as measured in two different ways. The first is a
more naive measurement of the inflow accretion rate,
ÛMin,ur = 2pi
∫
ur<0
−ρur√−gdθ,
where we simply sum over individually inflowing cells. These
are the solid curves in the second panel, and in general,
BHrun and NSrun agree with each other outside of the
neutron star transition layer. This indicates that they are
accreting at the same accretion rate, the fundamental scale
of accretion, and we can expect the same behavior from their
accretion disks. The inflowing accretion rate, ÛMin,ur , is a
good measure to determine the mass accretion rate in the
disk when most or all of the disk turbulence is averaged out,
then all of the gas in the disk should have ur < 0, and all
of the gas in the outflow should have ur > 0. This is not
the case for the data we show except at small radii. For
flows where the turbulence is not fully averaged out, ÛMin,ur
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Figure 8. Here we show the radial distribution of the flux in units of the apparent isotropic luminosity, 4pir2Fr /LEdd, as a function of
the line of sight for BHrun (left) and NSrun (right). Each line corresponds to the observable flux at a particular radius shown in the
legend in units of rg . The faded regions correspond to areas where the scattering optical depth is greater than one.
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Figure 9. Here we plot the outflowing luminosity of kinetic en-
ergy LKE, as a function of radius. The kinetic energy flux is inte-
grated over the outflowing region defined by positive relativistic
Bernouli number, Be. BHrun is shown in blue, and NSrun is
shown in orange.
is more of an upper limit. A super-Eddington accretion flow
is expected to have an accretion rate that increases linearly
with r (Shakura & Sunyaev 1973), and we can see from
the black line, that this dependence is nearly reproduced
in NSrun. We obtain ÛMin,ur ∝ r1.2.
We can still see a large amount of gas flowing through
the NSrun accretion disk for the t5 interval with nearly the
same slope as for t4, although at slightly lower values. This
is likely due to the structure of the initial torus, which over
very long periods of time, does not supply the accretion disk
with gas at the same rate, slightly dropping with time.
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Figure 10. Radiative luminosities are shown for BHrun (blue)
and NSrun (orange) averaged over the time period t4. The last
time period for NSrun, t5 is shown in green. The solid lines corre-
spond to the luminosity integrated over angles that are optically
thin, Lthin, while the dashed lines show the luminosity integrated
over the angles with positive Be, Lout.
The dashed lines correspond to the integral of the total
mass flux over the regions with negative Bernoulli number,
ÛMin,Be = 2pi
∫
Be<0
−ρur√−gdθ,
Most of the gas at lower radii has negative Bernoulli num-
ber, whether or not it is part of the disk or the outflow. From
Fig. 4, we can see streamlines that are initially outflowing
with negative Be which turn around and return to the disk
midplane, but we can also see streamlines which seem to
change from negative to positive Be, and which continue to
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flow outwards. It is important to note that Be is only con-
served along streamlines for steady flows. Closer to the disk,
the flow is very much non-steady, and so the streamlines do
not always reproduce the gas trajectory. For this reason, one
must be cautious when using Be as a diagnotic for outflow.
It is necessary to know something about the flow, and so we
put more weight on Be farther from the disk where the flow
is more steady. In this way Be is more useful as a diagnotistic
for outflows at larger radii. We still include plots of ÛMin,Be
for completeness, although they should mostly match ÛMtot at
lower radii. The departure of ÛMin,Be from ÛMin,ur for BHrun
is also evident from the top-left panel of Fig. 4 where there
is gas which has postivie Be but is directed into the black
hole.
Fig. 12 shows the outflowing accretion rate, measured
in the same way as the inflowing accretion rate, ÛMin,ur , but
with opposite sign, ÛMout,ur . Again we show BHrun in blue
and NSrun in orange. We also plot in green the mass out-
flow rate for NSrun over the last interval, t5 from 80 000tg
to 160 000tg which was not run for the BHrun, because it
is more computationally demanding. At lower radii, ÛMout,ur
more or less follows ÛMin,ur , this is because, in inflow equilib-
rium, the difference between them, ÛMtot, should be constant.
As the accretion rate drops with a decrease in radius, the
outflow rate must also drop so that no gas can accumulate at
any radius, at least for BHrun. We have also demphasized
ÛMout,ur at radii larger than 100rg, where the simulation has
not reached inflow equilibrium.
For measuring the mass outflow that is expected to
reach infinity, the relevant quantity is ÛMout,Be, the total mass
outflow rate in the positive energy region, the region which
is separate from the accretion disk. These are the dashed
curves in Fig. 12. ÛMout,Be, is calculated in the same way as,ÛMin,Be except for Be > 0. In general, NSrun shows nearly
an order of magnitude larger outflow rate than BHrun at
its peak when measured over the same time period. This
is why the outflows are so optically thick. The maximum
outflowing accretion rate for NSrun nearly matches ÛMin at
the edge of the transition layer. If the outflow were to con-
verge to this value (∼ 200LEdd/c2) at all radii & 1000rg, then
this would be a strong indication that all the inflowing mat-
ter is eventually ejected. We do not observe this however,
and moreover we observe that mass is still accumulating
at the inner edge. While the simulation was run for a long
time, around (160,000tg), the transition layer did not seem
to reach a steady state. We can see the outflow at large radii
become more flat for t5, this also indicates that the outflow
while apparently increasing with time, may slowly be ap-
proaching at least a quasi-steady state, and that outflows
which are the same magnitude as the accretion rate in the
disk cas be expected for long periods of time.
5 DISCUSSION
We have run two long duration GRRMHD simulations, one
of accretion onto a Schwarzschild black hole and one onto
a neutron star (non-magnetized, non-spinning). Our black
hole simulation, BHrun, is used as a baseline to compare
against the neutron star simulation for two reasons. One,
it is very similar to the inflow boundary conditions used
in many previous simulations. Second, it is a simple, well
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Figure 11. Top: Here we show the total accretion rate, ÛMtot, of
BHrun (blue) and NSrun (orange) computed from data averaged
over the time interval, t4. In green, we show data from NSrun time
averaged over the interval t5. Bottom: Here we plot the mass
accretion rate of the inflow, ÛMin, again for BHrun and NSrun
from t4 and t5. We include two definitions of the inflow. The first
corresponds to the solid lines which are defined as the integral
over all cells with negative ur , ÛMin,ur . The dashed line shows the
the integral over all cells with negative Be, ÛMin,Be . A power law
fit to ÛMin,ur for NSrun from t4 is shown in black. The solid black
line shows the radii over which the fit was performed, the dashed
part is an extension of the power law for reference.
studied system, without an artificial boundary condition,
and is directly comparable to other previous simulations of
its type and the model more closely matches the behavior of
the physical object it represents. It is immediately apparent
that the simulations are quite different. The differences in
the accretion disk structure are apparent inside radius r =
30rg, where the flow in NSrun begins to change into the
transition layer. It is then inferred that the differences in the
outflow are due to the various physical processes occurring in
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Figure 12. Here we show the outflowing mass accretion rate,
ÛMout. ÛMout,ur is given by the solid lines and ÛMout,Be is given by
the dashed lines. Blue lines correspond to the BHrun and orange
to NSrun both using time averaged data from the interval t4.
The green lines shows data from NSrun time averaged over the
interval, t5.
the inner region of the simulation. We observed from Fig. 3
that the transition layer increases with size as time goes on.
The simulation was run for 120, 000 tg, which only cor-
responds to one second of physical time, which is only one
full pulsation for the pulsation periods observed in pulsat-
ing ULX systems. These observations were integrated over
kilosecond time scales. The point being that even though
our simulations are run for a long time (when compared to
other GRRMHD simulations), they would have to be run
much longer in order to capture the effects of the varying
radiation source of a rotating magnetized star. Such long
duration simulations are likely out of the question for 3D
simulations, likely still difficult for our 2D simulations, and
impossible for 2D simulations without any sort of dynamo.
Nonetheless, we are free to speculate.
We observe that the radius outer boundary of the tran-
sition layer increases with a time dependence that is well
described by t0.85 power law, and we have no reason not to
expect this dependence to continue until either the mass sup-
ply is quenched, the radiation pressure becomes too strong,
or the central density and temperature become large enough
that some other cooling mechanism becomes effective, e.g.,
neutrino cooling or photon cooling through outflows. The
central temperature grows with a t1/4 power law, and so neu-
trino cooling, which may become relevant around 109 K may
need to be considered (depending on the central density) af-
ter a few (4-8) times the simulation length. We expect the
other processes to also take much longer than a few times
the current simulation time, so it would be interesting to
run an even longer duration simulation, in order to study
the time evolution of the outflow and luminosity as the sim-
ulation evolves. In our case, the length of our simulation was
chosen so that the outflow would be causally connected to
the inflow equilibrium region of the inner simulation to radii
past the photosphere. A non-physical limitation would be
the transition layer growing faster than inflow equillibrium.
A potential solution would be to run a black hole like simu-
lation for long time and then to restart the simulation with
an inner boundary.
Our main conclusion from our work is that the presence
of a hard, nonrotating surface alone is likely not sufficient
to produce enough radiation that can escape to infinity to
explain the luminosities observed in ULX sources. The large
amount of ejected gas not only obscures the innermost emit-
ting regions, but also decollimates the radiation, further re-
ducing the observed luminosity. Thus it is vital that we con-
sider the effects of magnetic fields. This was done by Taka-
hashi & Ohsuga (2017), who found a bolometric luminosity
to be about an order of magnitude larger than ours, the
simulation is short however, tstop = 15, 000tg, so more work
would be required to study the effective of large amount of
gas being accreted onto the magnetic field.
It would be interesting to study the case of accretion
onto a non-magnetized neutron star with a different initial
condition for the disk magnetic field. Our initial condition
contains magnetic field loops of alternating polarity, and re-
connection is allowed on a numerical level. Thus, no signifi-
cant amount of magnetic flux accumulates on the inner edge
of the simulation, indeed the magnetic pressure is several
order of magnitude lower than the radiation pressure in the
transition layer. Running a simulation with only one mag-
netic field loop, which normally leads to accretion in the
magnetically arrested disk (MAD) state in black hole simu-
lations (McKinney et al. 2015; Narayan et al. 2017), would
likely also lead to a buildup of magnetic flux in the transition
layer which could be dynamically important.
One interesting application of our study could be an
extension to supersoft sources (SSS) (Long et al. 1981; van
den Heuvel et al. 1992) and ultraluminous supersoft sources
(ULS) (Urquhart & Soria 2016). ULSs are characterized by
peak temperatures of around 106 K, with bolometric lumi-
nosities at a few times 1039 erg s−1 and photospheres at radii
of around 104 km. SSSs are classified similarly with lower
temperatures (∼ 105 K, ∼ 106 K) and luminosities (∼ 1036
erg s−1, ∼ 1038 erg s−1). The effective temperature of NSrun
can be computed by measuring the radiative energy density
around the photosphere which is on average around a few
times 106 K. The radius of the photosphere is around 5000
km. These features are indicative of ULS sources, although
the bolometric luminosity is about an order of magnitude
too low, closer to the higher end for SSSs. While SSSs can
be well explained by nuclear burning on the surface of a
white dwarf (van den Heuvel et al. 1992), ULSs, like ULXs
have been harder to model. It would be interesting in future
work to do post-processing of NSrun to generate spectra to
see if they match any of the more specific characteristics of
ULSs or SSSs.
5.1 Comparision to Takahashi et al. (2018)
After this work was completed we became aware of an im-
portant publication by Takahashi et al. (2018) (TMO18),
who obtained similar results to ours by running a shorter
simulation (7000 tg), demonstrating the feasibility of super-
Eddington accretion onto a non-magnetized neutron star. It
is vital that we make a comparison to the work by TMO18,
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as the simulations they have run should be directly compa-
rable to ours. TMO18 have performed two simulations, one
onto a black hole, and one onto a reflective inner bound-
ary as in our work. Both codes are GRRMHD solvers with
M1 closure. The code used is the same as used by the au-
thors in their previous work. Both our simulations and those
of TM018 show a power law behavior at the inner edge of
the simulation. TMO18 report a significant increase in the
rate of ejected mass over their black hole simulation. Indeed
we also infer a roughly ten times increase in the mass out-
flow rate for NSrun over BHrun. The authors also report
an increase in the radius of the photosphere over the black
hole case. We find a much larger increase in the photosphere
however, reaching out to a couple thousand rg. This is likely
due to the length of our simulations, which are run for more
than ten times the length of the simulations in TMO18, and
so we believe we are able to make a more accurate state-
ment about the mass outflow to larger radii, and about the
radiative luminosity, which TMO18 does not address.
One interesting difference is found in the strong change
in the angular velocity in the transition layer, seen in our
simulations. TMO18 show the centripetal force, which can
be used as a proxy for Ω (indeed, in the Newtonian case it is
proportional to Ω2). TMO18 show that the centripetal force
transitions from super-Keplerian to about half Keplerian.
This contrasts against our simulations where Ω transitions to
practically zero at the inner edge of the simulation, even at
early times. This difference could be due to differences in the
inner boundary condition for uφ. When we average our data
over the same time interval as is described in TMO18 (3000-
5000 tg) and we examine Ω/ΩK we see that it transitions
from unity at about 10 rg to 0.3 at the stellar surface (5rg).
This corresponds to the same range of radii over which the
centripetal force of TMO108 transitions to about 0.6 times
the Keplerian value which would indicate an Ω/ΩK ≈ 0.8,
more than twice the angular velocity ratio of our simulation.
This indicates that we have a stronger torque at the inner
edge of our simulation, and so it is probably easier for gas
to accumulate in the transition layer. It will be beneficial in
the future to study angular momentum transfer through the
inner boundary for different boundary conditions.
5.2 Caveats
It is important to stress that our simulations are a first
attempt at measuring the effects of a hard surface in the
context of a global, radiative, MRI-driven, super-Eddington
accretion flow. More physics is planned in future implemen-
tations. Indeed there are a number of issues that must be
addressed before we may consider these results truly robust.
First, our simulations are performed in 2D axisymme-
try. Sa¸dowski & Narayan (2016) has shown that non ax-
isymmetric effects can lead to a lower luminosity accretion
flow around a black hole. Since the luminosities we measured
were on the low end of what is expected for ULX objects,
we cannot be sure if a three dimensional simulation would
be bright enough. It is possible that this difference would
not occur in the presence of hard surface, but a fully three
dimensional simulation would be required to confirm.
Second, we have neglected the effects of rotation. Ac-
cretion onto a rapidly rotating star will release less energy
than accretion onto a stationary star. The gas will also be
less bound however. For a one second rotational period,
the effects of rotation at the neutron star surface should
be negligible; however, the acceleration of gravity scales as
r−2 while centripetal acceleration increases with r. At larger
radii, this may become relevant if the accreted atmosphere
rotates nearly uniformly.
6 SUMMARY
We have found that a reflective, non-rotating boundary at
the inner edge of an accretion disk simulation has a signifi-
cant effect on the behavior and structure of the inner disk as
well as its emission and outflows. We observe large amounts
of gas accumulating on the inner boundary in a transition
layer, where the angular velocity transitions from its Kep-
lerian value to near zero. We also found lower rates in the
outflow of kinetic energy over the black hole case. However,
we did measure larger mass outflow rates, affecting the re-
lease of radiation to the observer. In fact, the hard surface
of a non-magnetized neutron star leads to lower radiative lu-
minosities in super-Eddington flows relative to black holes,
and with radiation decollimated to the point where they are
not likely to explain even the lowest luminosity ULXs, al-
though they may be applicable to ULSs or SSSs. This work
is a first step in a larger plan to study accretion processes
around a neutron star. Further work includes studying dif-
ferent accretion rates, including rotation, and eventually the
addition of stellar magnetic fields.
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